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ABSTRACT
The optical and near-IR emission from some classes of supernovae (SNe), including
Type IIn and possibly some super-luminous SNe, is likely powered by a collision be-
tween the SN ejecta and dense circumstellar material (CSM). We argue that for a range
of CSM masses and their radii, a collisionless shock can form, allowing for efficient
cosmic-ray (CR) acceleration. We show that pp collisions between these newly accel-
erated CRs and the CSM leads to not only gamma rays but also secondary electrons
and positrons that radiate synchrotron photons in the high-frequency radio bands.
Our estimates imply that various facilities including the Jansky Very Large Array
(VLA) and the Atacama Large Millimeter/submillimeter Array (ALMA) may observe
such SNe at Gpc distances by followup observations in months-to-years, although the
detectability strongly depends on the CSM density as well as observed frequency. De-
tecting this signal would give us a unique probe of CR acceleration at early times, and
even non-detections can put interesting limits on the possibility of CR ion acceleration.
Following our previous work, we also show that GeV gamma rays can escape from the
system without severe attenuation, encouraging point-source and stacking analyses
with Fermi. We provide recipes for diagnosing interaction-powered SN scenario with
multi-messenger (neutrino and gamma-ray) observations.
Key words: non-thermal—supernovae
1 INTRODUCTION
Blind surveys for optical transients have revealed a class
of super-luminous supernovae (SL) SNe that may in
some cases be powered by a collision between the SN
ejecta and a massive shell or wind of circumstellar ma-
terial (CSM) (e.g., Falk & Arnett 1973; Ofek et al. 2007;
Smith & McCray 2007; Quimby et al. 2011). Examples
include SN 2003ma (Rest et al. 2011), 2006gy (e.g.,
Ofek et al. 2007; Smith et al. 2007; Smith et al. 2010), and
2008es (Miller et al. 2009), among others. As a consequence
of the collision with the CSM, a significant fraction of
the kinetic energy is converted into radiation via shock
dissipation, which is responsible for the observed emission
(see Figure 1).
The rate of SLSNe with absolute magnitude M < −21
is order of ∼ 10 Gpc−3 yr−1, ∼ 0.01% of the normal
core-collapse SN rate (Gal-Yam 2012), but some normal-
luminosity SNe such as SN 2005ip (Smith et al. 2009),
2006jc (Immler et al. 2008; Smith et al. 2008),
2008iy (Miller et al. 2010) and PTF 09uj (Ofek et al. 2010),
which may also be powered by ejecta-CSM interactions,
are more common (Quimby et al. 2013). Finally, recent
observations of SN 2009ip and 2010mc suggest that the
CSM eruption is timed to occur months-to-years before the
core collapse (Mauerhan et al. 2013; Pastorello et al. 2013;
Prieto et al. 2013; Ofek et al. 2013a; Margutti et al. 2014;
Ofek et al. 2013c).
Interaction-powered SNe may be efficient cosmic-ray
(CR) accelerators, where one can expect that the diffusive
shock acceleration mechanism operates at the forward and
reverse shocks by a collision between the SN ejecta and
CSM. For a range of CSM parameters (mass and shock
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dissipation radius), the shock is radiation-mediated — the
Thomson optical depth is larger than c/Vs (Weaver 1976;
Katz et al. 2010), where Vs is the shock velocity — and
efficient CR acceleration is not expected because the CR
collisionless mean free path is much shorter than the de-
celeration length. However, as the shock propagates in the
CSM, photons can stream out ahead of the shock, and pho-
ton energy can no longer support the shock (i.e., shock
breakout). After the breakout, for wind-like CSM pro-
files, the shock will become collisonless and CR accelera-
tion can be efficient (Murase et al. 2011; Katz et al. 2011;
Kashiyama et al. 2013). Recently, Murase et al. (2011) con-
sidered a collision between the SN ejecta with a CSM shell
and found that CR protons may be accelerated, and further-
more that the protons may experience strong pionic losses
via inelastic pp collisions, producing gamma-rays and neu-
trinos. Thus, interaction-powered SNe may be interesting
CR accelerators and high-energy/multi-messenger emitters.
In this work, we continue our study of the possibility of the
non-thermal emission from the shock interaction of a SN em-
bedded in a dense CSM. In particular, we focus on the sec-
ondary electrons and positrons expected from the same pp
collisions that give rise to neutrinos and gamma rays. Impor-
tantly, we show that these secondaries can emit detectable
synchrotron radiation at high-frequency radio wavelengths
including mm/submm and FIR bands.
In Section 2, we review the shock physics and the po-
tential for CR acceleration in interaction-powered SNe, pro-
viding a much more detailed discussion than Murase et al.
(2011). Section 3 gives a brief discussion of the high-energy
emission expected, and recipes that connect the observed
optical emission to the non-thermal signatures are provided
in Appendix A. In Section 4 we discuss high-frequency ra-
dio diagnostics. For a range of CSM parameters, we show
that secondary leptons from pp interactions should radi-
ate synchrotron at ∼ 3 − 3000 GHz, and with fluxes of
∼ 0.01−0.1 mJy at distances of hundreds of Mpc. In Section
5, we summarize our results.
Throughout this work, we use the notation Q = Qx10
x
in CGS unit unless we give notice.
2 BASIC SETUP
In this preparatory section, before we discuss non-thermal
signatures, we explain the picture of interaction-powered
SNe and describe the basic physical setup.
Let us consider SN ejecta with the kinetic energy Eej
and the velocity Vej. Noting Eej = MejV 2ej/2 for the ejecta
massMej, the momentum and energy conservation laws give
MejVej +McsVcs = (Mej +Mcs)V (1)
1
2
MejV
2
ej +
1
2
McsV
2
cs =
1
2
(Mej +Mcs)V
2 + Ed, (2)
whereMcs is the total CSM mass and Vcs(< Vej) is the CSM
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Figure 1. The schematic picture of the interaction-powered SN
scenario.
velocity. The total dissipated energy Ed is written as
Ed = Mcs
Mej +Mcs
1
2
Mej(Vej − Vcs)2
≈ Mcs
Mej +Mcs
Eej, (3)
where Vej ≫ Vcs is used in the last equality. The above
equation suggests that a significant fraction of Eej can
be dissipated if the CSM mass is large (see also, e.g.,
van Marle et al. 2010; Moriya et al. 2013b). Density profiles
of both the ejecta and CSM are important for detailed pre-
dictions. For example, when the density profile of the ejecta
is steep enough and most of its energy is carried by lower-
velocity ejecta material, the explosion has driven waves that
can be described by Chevalier-Nadezhin self-similar solu-
tions (Chevalier 1982a). When the shock wave sweeps up
ambient mass comparable to Mej and it is non-radiative, we
expect blast waves that can be described by Sedov-Taylor-
like self-similar solutions (see Truelove & McKee 1999, and
references therein). In this work, to push the basic idea and
avoid uncertainty in the ejecta profile and many other com-
plications due to radiation processes, we discuss non-thermal
properties without relying on such details. Our treatment
still provides an order of magnitude estimate of expected
non-thermal signals, and a more detailed study will be pre-
sented in an accompanying paper (Murase et al. 2014).
Hereafter, we assume that the CSM has a wind-like
power-law density profile and extends to the edge radius of
the wind, Rw. We expect that this is reasonable (see, e.g.,
Ofek et al. 2014), although details are uncertain due to poor
understandings of the CSM eruption mechanism. Then, the
CSM density is written as
̺cs = DR
−2
0
(
R
R0
)−s
≃ 5.0× 1016 D∗R−20
(
R
R0
)−s
g cm−3
(4)
where R should be expressed in cm, R0 = 10
15 cm, and D∗
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is defined 1 for the mass-loss rate of M˙cs ≡ 1M⊙ yr−1 M˙cs,0
and the wind velocity of Vcs ≡ 103 km s−1 (Vcs/103 km s−1).
This can also be expressed by
D ≡ M˙cs
4πVcs
≃ 5.0× 1016 M˙cs,0(Vcs/103 km s−1)−1 g cm−1.
(5)
The CSM mass within R is estimated to be
Mcs(< R) =
∫ R
Rcs
dr 4πr2̺cs, (6)
where Rcs is the CSM inner edge radius. In particular, in
the wind case (s = 2), we have
Mcs(< R) = 4πD∆R ≃ 3.2 M⊙D∗R16, (7)
where we have used ∆R ≈ R and R ≡ 1016 cm R16. Note
that, in the one-zone model where the calculation is per-
formed for a CSM density ncs at a given radius R, qualitative
pictures for different density profiles are simply obtained by
usingMcs instead of D∗ (although the dynamics and tempo-
ral evolution depend on density profiles). The deceleration
is significant after the ejecta accumulates the CSM mass
equivalent to its own mass, whose radius is characterized by
Rdec ≈ Mej
4πD
≃ 1016 cm (Mej/100.5 M⊙)D−1∗ . (8)
If Rdec < Rw, most of the ejecta energy is dissipated by the
ejecta-CSM collision.
One of the important quantities is the Thomson optical
depth. Using the CSM electron density,
ne =
DR−2
µemH
≃ 3.0× 108 cm−3 µ−1e D∗R−216 , (9)
the Thomson optical depth is estimated to be
τuT =
∫
R
dr neσT ≈ neσTR ≃ 2.0 µ−1e D∗R−116 , (10)
for R < Rw, where σT is the Thomson cross section. The
Thomson optical depth in the downstream is also τT ≈
neσTR although the density in the thin, interacting shell
is compressed by the shock compression ratio. As seen be-
low, the emission is mostly observed when τT ∼< c/Vs after
photons can leave the system. However, while the interac-
tion with a dense CSM shell happens at τT ∼> a few, hard
X rays and soft gamma rays produced at the shock cannot
avoid Compton down-scattering and a significant fraction of
the emission would be thermalized (Chevalier & Irwin 2012;
Svirski et al. 2012; Pan et al. 2013). Equal lines of various
optical depths, CSM density and luminosities in the (R, D)
plane and (R, Mcs) plane are shown in Figures 2 and 3, re-
spectively. The equal CSM density line, D∗ ≃ 33R216ncs,10,
is also overlaid. Explanations for the optical depths other
than the Thomson optical depth are given below. As argued
by Murase et al. (2011), efficient CR acceleration is possi-
ble at τT ∼< c/Vs, and for τpp ∼> 1 we expect almost all the
accelerated CR ions to produce neutrinos, hadronic gamma
rays, and secondary electrons and positrons. In the system,
1 Another definition is ρcs = D∗R−2 that is different from ours.
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Figure 2. The parameter range allowing production and escape
of gamma rays in the (R, D) plane. See the text for meanings
of τT = c/Vs, τT = 1, τpp = 1 and τBH = 1. The shaded region
suggests the range where we do not expect either production or es-
cape of gamma rays. The thick curves represent Vs = 5000 km s−1
while the thin curves do Vs = 104 km s−1. With quadruplicate-
dotted cures, lines of the constant CSM density (ncs=const.), con-
stant post-breakout radiation luminosity (ǫγLkin=const.), con-
stant optically-thin free-free luminosity (Lff=const.), and con-
stant CSM mass (Mcs=const.) are also shown for comparison.
hadronic gamma rays can interact with photons via the two-
photon annihilation process and/or matter via the Bethe-
Heitler (BH) pair-production process, respectively (see Sec-
tion 3). The attenuation of GeV gamma rays due to the BH
process is insignificant at τBH ∼< 1, which is not far from
τT ∼< c/Vs.
In this work, we consider the forward shock, so the shock
velocity Vs is regarded as the forward shock velocity Vf .
The reverse shock power is smaller when the ejecta profile
is steep (e.g., Chevalier & Fransson 2003). But this might
not be the case if the profile is changed, e.g., possibly by
experiencing many interactions with many CSM shells.
2.1 Early phase: subphotospheric interactions
When a collision with CSM occurs at τT ≫ 1, pho-
tons should experience many Compton scatterings, and
it takes time for them to leave the system. The pho-
ton diffusion time is roughly tD ≈ ∆R2σTne/c, which
can further be approximated to be tD ≈ σTµ−1e D∗/c for
the wind profile if ∆R ≈ R (c.f. Chevalier & Irwin 2011;
Balberg & Loeb 2012). Photons cannot essentially diffuse
out from the system, when tD is longer than the dynam-
ical timescale is tdyn ≈ R/Vs. Hence, when the collision
begins at τT ∼> c/Vs, we start to observe a significant frac-
tion of the emissions in the rise time trise such that trise =
tD = tdyn (e.g., Smith & McCray 2007; Ofek et al. 2010;
Chevalier & Irwin 2011; Balberg & Loeb 2012). We define
the breakout radius Rbo, where photons can essentially leave
the system. When the effective diffusion radius RD is suffi-
ciently smaller than Rw (for s > 2), we have Rbo ≈ RD, and
c© 2009 RAS, MNRAS 000, 1–18
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Figure 3. The same as Figure 2, but for the (R, Mcs) plane,
where Mcs has the solar-mass unit. Lines of the constant CSM
density (ncs=const.), constant post-breakout radiation luminos-
ity (ǫγLkin=const.), and constant optically-thin free-free luminos-
ity (Lff=const.) are also shown for comparison. For explanations
of specific SN examples, see Sub-section 2.6.
the shock breakout radius can be written as Rbo ≈ Vstrise.
When the CSM is so dense that RD is larger than Rw, the
rise time can be smaller than Rbo/Vs because ∆R≪ Rbo ≈
Rw at the breakout (Chevalier & Irwin 2011).
We expect that thermal radiation carries a significant
fraction (ǫγ < 1) of the energy carried by the interacting
shell (E), where the radiated energy 2 is Erad ≡ ǫγE and E
after the collision is roughly comparable to Ed (see Equa-
tion 3). Noting E/tdyn ∼ Lkin ≈ (1/2)̺csV 3s (4πR2), the
(bolometric) radiation luminosity just after the breakout is
Lrad = ǫγLkin = ǫγ
1
2
̺csV
3
s (4πR
2)
≃ 1.3× 1043 erg s−1(ǫγ/0.3)
× D∗ (Vs/5000 km s−1)3. (11)
The constant radiation luminosity line, D∗ ≃
8.5(Vs/5000 km s
−1)
−3
Lrad,44 (with ǫγ = 0.3), is de-
picted in Figures 2 and 3. A more sophisticated model is
given by Chevalier & Irwin (2011), which is summarized in
Appendix A 3.
2.2 Late phase: post-breakout interactions
The collision between the SN ejecta and the CSM may
start from the optically-thick regime. Then, after the shock
2 For the adiabatic index γˆ = 4/3, ǫγ = 0.32 is obtained in the
mini-shell model (Chevalier & Irwin 2011). See also Ofek et al.
(2014).
3 For the purpose of modeling observed light curves, which is
not the focus of this work, one may use expressions for more
general profiles of ̺cs ∝ R−s and ̺ej ∝ R
−m (Svirski et al. 2012;
Ofek et al. 2014)
breakout, the interaction eventually enters the optically-
thin regime. This regime typically comes after the time of
∼ (c/Vs)(Rbo/Vs) when Rw is large enough. Hence, for op-
tically SLSNe such as SN 2006gy, it usually happens only
after the shock crosses ∼ Rw . In order to expect optically-
thin ejecta-CSM interactions within Rw, relatively large Rw
and/or low Mcs are needed. Alternately, the collision may
occur at τT ∼< c/Vs if CSM effectively has an inner edge
and can be regarded as a shell. Especially for optically-thin
interactions at τT ∼< 1, hard X rays easily leave the system
although ultraviolet photons and soft X rays may be at-
tenuated due to bound-free absorption. Indeed, such X-ray
and radio emissions have been observed in some SNe like
SN 1988Z (Chugai & Danziger 1994; Ofek et al. 2013b) and
2006jd (Chandra et al. 2012a).
Let us consider a CSM extending to Rw. For
τT (Rw) ∼< c/Vs, the characteristic duration of emis-
sion is expected to be ≈ Rw/Vs (or ≈ Rdec/Vs).
When the dominant loss process for thermal electrons
is the free-free emission, the (bolometric) radiation lu-
minosity mainly comes from bremsstrahlung emission. In
the non-radiative case, we have (Rybicki & Lightman 1986;
Chevalier & Fransson 2003)
Lrad ≈ Lff = 4πΛffn2eR2 ≈ ΛffMcsσ̺csµ2em2H
≃ 1.1 × 1042 erg s−1 g¯ffµ−2e
× D2∗,−1R−116 (Vs/5000 km s−1), (12)
where g¯ff is the Gaunt factor, Λff for hydrogen is
used, and absorption is not considered yet 4. Here the
compression factor σ is taken to be 4 but can be
larger. The constant radiation luminosity line, D∗ ≃
0.096g¯
−1/2
ff µeR
1/2
16 (Vs/5000 km s
−1)
−1/2
Lff,42, is depicted in
Figures 2 and 3. When the shock is radiative, Lrad should
be limited by the kinetic luminosity as in equation (11). It
roughly occurs when the cooling time tff ≈ (3kTe/Λffncs) ≃
3.1 yr g¯−1ff T
1/2
e,8 D∗,−1R
2
16 is shorter than time t. Note that
Lff is proportional to t
−1 and Te ∼> 2 × 10
7 K is assumed,
otherwise cooling by line emissions becomes relevant (e.g.,
Chevalier & Fransson 2003).
2.3 Shock properties
Whether efficient CR acceleration occurs or not depends on
the shock properties. When an ejecta-CSM collision occurs
at sufficiently small radii, the shock is initially radiation-
mediated in the sense that the upstream shock structure
is modified by radiation from the downstream. For non-
relativistic shocks where effects of pairs are irrelevant, the
shock is radiation-mediated when τT ∼> c/Vs (Weaver 1976;
Katz et al. 2010). When coupling with radiation is strong
enough, electrons transfer their energy to photons. In the
4 Even if the absorption is serious, X rays are detectable if the
unattenuated X-ray luminosity is large enough, as suggested in
SN 2010jl (Ofek et al. 2014).
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thermal equilibrium limit, at the far downstream, photons,
electrons and protons have the temperature of
kTph ≃ 1.2 eV ǫ˜−1/4gb D1/4∗ R−1/216 (Vs/5000 km s−1)
1/2
, (13)
where ǫ˜gbaT
4
ph = (18/7)̺csV
2
s is used and ǫ˜gb is the gray-
body factor. Note that this emission does not have to be
the observed emission since photons start to escape only af-
ter τT ∼ c/Vs. Thermal equilibrium may not be realized if
sufficient photons are not produced by the bremsstrahlung
process (Chevalier & Irwin 2011; Svirski et al. 2012). At the
nearer downstream, protons and electrons have much higher
temperatures. In the absence of collisionless-plasma pro-
cesses, the electron temperature is determined by the
balance between Coulomb heating and cooling processes.
When the relevant cooling process is the Compton cool-
ing, we have (Waxman & Loeb 2001; Murase et al. 2011;
Katz et al. 2011)
kTe ∼ 40 keV ǫ˜−2/5γ , (14)
over the length scale of Vsν
−1
ie (where νie is the ion-
electron collision frequency), where 5 ǫ˜γ = 2Uγ/(3σncskTp),
where Uγ is the energy density of photons. Note that
the above equation is valid for sufficiently high-velocity
shocks, since Te is limited by the proton temperature
Tp (Chevalier & Irwin 2012). In reality, collisionless-plasma
processes can be faster than Coulomb collisional processes,
where Te can be higher than in equation (14), but should be
lower than the equipartition temperature.
After τT ∼< c/Vs, the shock is no longer radiation-
mediated, and we expect collisionless (or collisional) shocks.
For strong, non-relativistic shocks, the proton temperature
at the immediate downstream is
kTp =
2(γˆ − 1)
(γˆ + 1)2
mpV
2
s , (15)
where γˆ is the adiabatic index. When the adiabatic in-
dex is γˆ = 5/3, we have a well-known result, Tp =
(3/16)mpV
2
s . The electron temperature is affected by en-
ergy transfer from protons, which may be Coulomb heat-
ing or faster collisionless plasma processes. If γˆ = 5/3 and
when electrons and protons achieve the equipartition, we
have (e.g., Fransson et al. 1996; Chevalier & Fransson 2003;
Ofek et al. 2014)
kTe ≃ 24 keV (Vs/5000 km s−1)2. (16)
Therefore, in the interaction-powered SN scenario, we
can naturally expect X rays via bremsstrahlung or inverse-
Compton (IC) processes since electrons should be heated
by the shock (e.g., Murase et al. 2011; Katz et al. 2011;
Chevalier & Irwin 2012; Pan et al. 2013). Also, we may as-
sume the material is highly ionized at least in the im-
mediate upstream. Detections of X rays allow us to
5 Note that ǫ˜ is defined for the downstream energy density. On
the other hand, as in Murase et al. (2011), ǫ is defined for the total
energy while ε is defined for the ram pressure of the upstream flow.
probe the existence of strong shocks, supporting the sce-
nario (Katz et al. 2011; Ofek et al. 2013b). However, there
are several complications. First, free-free emission may be
suppressed if thermal electrons mainly cool via the IC pro-
cess. Secondly, when the ejecta-CSM interaction occurs at
τT ∼> 1, hard X rays lose their energies in both the emis-
sion zone (downstream) and screen zone (upstream), and
softer X rays are down-graded via bound-free absorption.
If the amount of non-ionized atoms similarly exists in the
far upstream, the bound-free optical depth for soft X rays
is roughly estimated to be (e.g., Rybicki & Lightman 1986;
Ofek et al. 2013b)
τubf ≃ 600 D∗R−116 (hν/keV)−2.5, (17)
at hν ∼ 0.03 − 10 keV. Naively, the X-ray luminosity is
then (e.g., Fransson et al. 1996; Chevalier & Fransson 2003)
LX ∼ fsupLrad (1− e
−τ )
τ
e−τ
u
, (18)
where fsup is the suppression by other losses, τ ∼ τT is the
optical depth in the emission zone and τu ∼ τuT + τubf is the
optical depth in the screen zone. Predictions for both the
thermal and non-thermal X rays depend on details including
the frequency-dependent opacity and the ionization in the
upstream (see Chevalier & Irwin 2012; Svirski et al. 2012;
Pan et al. 2013, and references therein). This work does not
study X-ray emissions in detail, since non-thermal X rays
can be largely contaminated or masked by thermal X rays.
2.4 Particle acceleration
Now, we consider particle acceleration. CR acceleration may
become efficient when the shock is no longer radiation-
mediated and becomes collisionless, which can be real-
ized when τT ∼< c/Vs (Murase et al. 2011; Katz et al. 2011;
Kashiyama et al. 2013). Strong small-scale magnetic fields
are expected as a result from plasma instabilities, and
MHD mechanisms such as the turbulent dynamo 6 can
also play crucial roles especially in the downstream (e.g.,
Inoue et al. 2009; Inoue et al. 2012). In addition, CRs them-
selves excite turbulence via CR stream instabilities, which
can be important in the upstream (see Bell 2004; Bell 2013;
Bykov et al. 2013, and references therein). Since details of
these processes are uncertain, for simplicity, we parameter-
ize the magnetic field with the ratio of B2/8π to ̺csV
2
s /2 as
εB ≡ B2/(4π̺csV 2s ). Then, we obtain
B ≃ 4.0 G ε1/2B,−2D1/2∗ R−116 (Vs/5000 km s−1). (19)
6 For example, if SNe occur in superbubbles formed by multiple
SNe, it is possible to expect turbulent magnetic fields driven by
interactions with the inhomogeneous interstellar medium. Here,
the CSM could also be highly turbulent and magnetized before
the SN ejecta crashes, since the transiently erupted CSM would
also form a shock via interactions with the interstellar medium. In
addition, some observations have suggested that the CSM may be
clumpy (e.g., Chugai & Danziger 1994; Smith et al. 2009), and
the shocked CSM could achieve strong magnetic fields via the
turbulent dynamo due to the ejecta-CSM interaction.
c© 2009 RAS, MNRAS 000, 1–18
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In the Bohm limit, the proton acceleration time scale is es-
timated to be (see a review Drury 1983)
tp−acc =
20
3
c2
V 2s
Ep
eBc
(20)
≃ 0.67 s ε−1/2B,−2D−1/2∗ R16
× (Vs/5000 km s−1)−3(Ep/GeV),
and the proton maximum energy is estimated by com-
paring it to various cooling time scales (see below). In
the fully-ionized plasma (that is the case in the vicinity
of the shock), the Coulomb cooling time of thermal pro-
tons (Shlickeiser 2002),
tp−C ≈ (mpc
2/GeV)
3.1× 10−16ne
8.3 × 10−9T 3/2e,4 + β3p
2
∼ 2.4× 101 s µ−1e D−1∗ R216(Vs/5000 km s−1)3, (21)
where βp ∼ Vs/c is assumed but the velocity of injected
protons may be higher, depending on details of injection
processes. The ratio between the two is tp−acc/tp−C ∼
2.8 × 10−2µeε−1/2B,−2D1/2∗ R−116 (Vs/5000 km s−1)−6(Ep/GeV)
when the upstream is cold enough. Hence, the Coulomb en-
ergy loss timescale is longer than their acceleration time, so
CR proton acceleration is possible. Note that the Coulomb
cooling is much less relevant in the immediate downstream,
where the temperature is much higher.
As protons are accelerated above the pion production
threshold, γp > 1.37, inelastic pp interactions occur, leading
to production of electrons and positrons via π± → νµ +
ν¯µ + νe(ν¯e) + e
±. Their minimum injection Lorentz factor
is (Dermer 1986)
γh ≈ 1
4
mpi
me
∼ 68. (22)
The important point here is that the minimum injection
Lorentz factor is unique for hadronic injections, which is
different from the case of primary electron acceleration.
Primary electrons can also be shock accelerated via the
Fermi acceleration mechanism. However, the Larmor radius
of thermal electrons is smaller than that of thermal protons.
Thus, electrons need to be energized via some plasma pro-
cesses to cross the shock length and to get injected to the
Fermi acceleration process. In other words, the Larmor ra-
dius of relativistic electrons, γemec
2/(eB), should be larger
than that of thermal protons, ∼ cmpVs/(eB). The Lorentz
factor of elections that can be accelerated by the conven-
tional shock acceleration mechanism satisfies
γe ∼>
mp
me
Vs
c
≃ 31 (Vs/5000 km s−1). (23)
Keeping this in mind and introducing the energy fraction
(ǫe) and number fraction (fe) of relativistic electrons dis-
tributed with a power law, the injection Lorentz factor of
primary shock-accelerated electrons (γl) is expressed as
γl ≈ gqe
ǫe
fe
mp
me
V 2s
2c2
≃ 5.1 ǫe,−3f−1e,−5(gqe/0.2)(Vs/5000 km s−1)2, (24)
where gqe = 1/ ln(γ
M
e /γl) for qe = 2 and gqe = (qe −
2)/(qe − 1) for qe > 2. Here, qe is the injection spec-
tral index of accelerated electrons and γMe is the max-
imum Lorentz factor of accelerated electrons. Note that
equation (24) is obtained from
∫
dγe(dNe/dγe) = feNp
and
∫
dγe(γemec
2)(dNe/dγe) = ǫeNpmpV
2
s /2. The values
of ǫe and fe are uncertain. The CR spectra observed at
the Earth imply ǫe ∼ 10−3 − 10−2, and such values are
inferred from modeling of radio emission from Type IIb
SNe (e.g., Maeda 2012). Smaller values of ǫe ∼ 10−4 are ob-
tained in the leptonic scenario for young SN remnants (e.g.,
Katz & Waxman 2008). Sufficiently large values of fe imply
γl ∼< (mp/me)(Vs/c), where other electron acceleration pro-
cesses in the shock transition layer should be relevant, and
the spectrum for γl ∼< γe ∼< (mp/me)(Vs/c) may be steeper
than that for γe ∼> (mp/me)(Vs/c).
The energy carried by accelerated CRs can be summa-
rized as follows. The CR acceleration is efficient only af-
ter the radiation escapes from the system and the strong
shock jump is formed by collisionless shocks. Hence, if
min[Rdec, Rw] < Rbo, we do not expect many CRs. Nor-
mal SNe correspond to Rbo < Rw < Rdec, so only a frac-
tion of the SN explosion energy Eej is converted to CRs
at the time the shock reaches Rw. If the CSM is massive
and Rbo < Rdec < Rw (thus τT (Rdec) < c/Vs), we expect
Ed ≈ Eej, so a significant fraction of the SN explosion energy
can be converted into the energy of CRs. The energy of ac-
celerated CR protons in interaction-powered SNe (E ipsnCRp) is
roughly estimated to be
E ipsnCRp =


ǫpEd ≈ ǫpEej, (Rbo < Rdec < Rw)
ǫpEd ≈ ǫp(Mcs/Mej)Eej (Rbo < Rw < Rdec)
≪ Eej (min[Rdec, Rw] < Rbo)
(25)
Here equation (3) is used. Note that, for Rw < Rdec (i.e.,
Mcs < Mej), only the fraction of the SN explosion energy
can be dissipated by one collision. Also, ǫp is the energy
fraction carried by CRs above mpc
2, and ǫp ∼ 0.1 − 0.3 is
typically used in the context of SN remnants.
2.5 Fate of cosmic rays: hadronuclear reactions
When particles are accelerated up to very high ener-
gies, high-energy gamma rays and neutrinos should be ac-
companied via hadronuclear interactions like the pp re-
action. In particular, CR protons interact with nucleons
while they are advected to the downstream, so neutri-
nos and pionic gamma rays are expected in the GeV-PeV
range (Murase et al. 2011). By comparing the pp interac-
tion time scale (nNσppc)
−1 and tdyn, we get the pp optical
depth as
τpp ≈ σppncsR(c/Vs) ≃ 5.4 D∗R−116 (Vs/5000 km s−1)−1,
(26)
where σpp ≈ 3 × 10−26 cm2 is used. From Figures 2 and
3, one sees large parameter space satisfying τT ∼< c/Vs and
τpp ∼> 1, where neutrinos and gamma rays provide promis-
ing signals of CR proton acceleration at collisionless shocks.
Even if τpp ∼< 0.1, we can say that a significant fraction of
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the CR energy is converted into hadronic emission via pp
interactions. From equation (26), one sees D∗ ∝ τppRVs or
Mcs(< R) ∝ τppR2Vs. Thus, as seen from Figure 3, pp pro-
cesses are typically efficient for ejecta-CSM interactions at
radii of R ∼< 10
16.5 cm, for Mcs ∼ 1M⊙. Note that pp in-
teractions are relevant even in the optically-thin regime of
τT ∼< 1.
2.6 Examples
We here discuss several examples of SNe to see if ejecta-CSM
interactions satisfying τT ∼< c/Vs and τpp ∼> 0.1 are indeed
indicated by recent observations.
First, we consider the optically-thick regime around the
shock breakout. Observationally, the CSM nucleon density
ncs (or D∗) can be estimated from the radiation luminosity
Lrad (or the radiated energy Erad) at the time of the shock
breakout, the rise time trise, and the shock velocity Vs (or
Rbo that is the radius at the shock breakout). Note that
the approximation ∆R ≈ R is valid when Rw > RD =
σTµ
−1
e D∗Vs/c.
• SN 2006gy: SN 2006gy is one of the SLSNe (e.g.,
Smith et al. 2007; Ofek et al. 2007; Smith et al. 2010). The
radiated energy is Erad(tbo) ≈ 1051 erg and the
breakout time is trise ≈ 60 d (Smith & McCray 2007;
Chevalier & Irwin 2011). The breakout radius is estimated
to be Rbo ≈ 2×1015 cm, corresponding to Vs ∼ 4000 km s−1.
These observational parameters imply D∗ ∼ 10 (see Ap-
pendix A), leading to ncs ∼ 1011 cm−3 and Mcs ∼ 8M⊙
within Rbo. These are roughly consistent with numerical
modeling of optical light curves (Moriya et al. 2013a).
• SN 2009ip: SN 2009ip is one of the luminous Type
IIn SNe, which showed re-brightening in 2012. The radi-
ated energy is Erad(tbo) ≈ 1.3 × 1049 erg and the ris-
ing time 7 is trise ≈ 10 d. The breakout radius is esti-
mated to be Rbo ≈ 5 × 1014 cm, corresponding to Vs ∼
6000 km s−1. These observational parameters imply D∗ ∼
0.3, ncs ∼ 4 × 1010 cm−3 and Mcs ∼ 0.05M⊙ within
Rbo (Margutti et al. 2014), which are consistent with ob-
servational constraints (Ofek et al. 2013a).
In Figure 3, both of the examples roughly lie on the
τT = c/Vs lines. The condition τpp > 1 is satisfied, so neu-
trinos and gamma rays should be produced in the presence
of CR protons. SN 2006gy almost lies on the constant lumi-
nosity line of ǫγLkin = 10
44 erg s−1. Note that Ed ≈ Eej can
be expected for SN 2006gy but not for SN 2009ip.
Next, we consider post-breakout emission in the later
phase. For τT ∼< c/Vs, the shock crossing time ts ≈ Rw/Vs
or the deceleration time tdec ≈ Rdec/Vs can also be used
instead of trise. Then, one can observationally estimate ncs
7 The actual shock breakout time scale will be shorter, by a factor
of a few, than the visible-light rise time of the SN light curve, since
the bolometric light curve of Type IIn SNe seems to rise faster
than the optical light curve. Therefore, with the exception of SN
2010jl, trise given here, are regarded as an upper limit.
(or D∗) from Lrad, ts (or tdec), and Vs. Alternatively, if we
assume that the CSM is not completely ionized, then the X-
ray measurements of the bound-free absorption can provide
an estimate (or at least a lower limit) on NH ≈ nHR. Two
examples are given below.
• SN 2006jd: SN 2006jd was a Type IIn SN, show-
ing bright X-ray emission with the unabsorbed X-ray lu-
minosity of ∼ 3 × 1041 erg s−1 in the 0.2 − 10 keV
range (Chandra et al. 2012a). Radio emission was detected
after ∼ 400 d. With Vs = 5000 km s−1, we expect R =
4 × 1016 cm at t ∼ 1000 d. Then, with the temperature
kTe ∼ 60 keV, Lff ∼ 1042 erg s−1 implies ncs ∼ 4×106 cm−3
and Mcs ∼ 2M⊙ within R. This estimated CSM den-
sity is comparable to ncs ∼ 3 × 106 cm−3 obtained with
s = 1.6, M˙cs,−3/Vcs,2 ≈ 3.3 (for R0 = 1015 cm), and
R = 4×1016 cm (Chandra et al. 2012a). On the other hand,
X-ray absorption allows us to estimate the column density of
non-ionized hydrogen atoms (NH) that may exist in the far
upstream. It is also suggested that this density is different
from values based on X-ray observations, which may imply
that the CSM is highly ionized even in the far upstream so
there are not many non-ionized atoms in the line of sight of
X rays. However, detections of radio emission may imply the
absence of too strong free-free absorption in the upstream.
• SN 2010jl: SN 2010jl was also a Type IIn SNe, showing
bright X-ray emission without radio detections. The unab-
sorbed X-ray luminosity of ∼ 7 × 1041 erg s−1 is obtained
in the 0.2− 10 keV range (Chandra et al. 2012b). However,
Ofek et al. (2014) suggested a higher intrinsic luminosity
and obtained NH ∼ 1025 cm2 from modeling of the opti-
cal emission in the early phase around tbo, which is con-
sistent with a value indicated by X-ray observations. With
Vs = 4000 km s
−1, we expect R = 1016 cm at t ∼ 300 d,
implying ncs ∼ 109 cm−3 and Mcs ∼ 10M⊙ at that time.
Although there is uncertainty, the CSM with several solar
masses is likely (Ofek et al. 2014; Fransson et al. 2013), and
this energetic SN seems one of the promising targets of ded-
icated searches for neutrinos and gamma rays.
Based on these parameters, SN 2010jl has τpp > 1, indi-
cating efficient neutrino and gamma-ray production. On the
other hand, τpp < 1 is suggested for SN 2006jd, but the pp
efficiency is still significant. SN 2006jd also lies on the con-
stant luminosity line of Lff = 10
42 erg s−1. Note that another
estimate is possible based on detailed modeling of radio
SNe (e.g., Chevalier 1982b; Chevalier 1984; Chevalier 1998),
although this work does not focus on such more model-
dependent studies. Most of type IIn SNe have not been seen
by low-frequency radio observations, but we show that some
of them may be detectable at high-frequency radio wave-
lengths including mm/submm and FIR bands (see below).
In the Figure 3, we indicate the above examples by stars
for the purpose of demonstration. Note that their parame-
ters have large uncertainty so such plots do not have to be
very precise. Also, R increases as the observation time t, so
one can ideally draw evolution curves in the (R, D) plane
and (R,Mcs) plane. In addition to the four SNe, we indicate
SN 2006jc and 2008iy, which are also likely to be interaction-
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powered SNe. For SN 2006jc, we use Mcs ∼ 0.02M⊙ and
R = 9× 1015 cm at the X-ray peak time of t ∼ 110 d based
on Immler et al. (2008). For SN 2008iy, we adoptMcs ∼ 1M⊙
and R = 1.7 × 1016 cm at the peak time of t ∼ 400 d from
Miller at al. (2010).
2.7 Maximum energy: possible Pevatrons
SN remnants have been largely believed to be the origin of
Galactic CRs up to the knee of 106.5 GeV (see a review
Bell 2013, and references therein). It would also be interest-
ing to consider interaction-powered SNe as potential accel-
erators of high-energy CRs. The maximum energy of accel-
erated protons, EMp , is determined by comparing tacc to the
cooling time tcool and dynamical time tdyn.
If the time scales of energy losses (including adiabatic
losses) are long enough, the maximum energy is limited by
the dynamical time,
tdyn ≈ R
Vs
≃ 2.0× 107 s R16(Vs/5000 km s−1)−1. (27)
Then, the maximum energy is (Murase et al. 2011)
EMp ≈ 3.0× 107 GeV ε1/2B,−2D1/2∗ (Vs/5000 km s−1)
2
. (28)
Note that the Larmor radius (rL) of protons is smaller than
the system size (R), where the protons are confined.
At small R and/or large D, the maximum energy is
limited by energy losses. The pp cooling time of protons is
expressed as
tpp =
1
κppσppncsc
≃ 7.4× 106 s D−1∗ R216, (29)
where κpp ≈ 0.5 is the proton inelasticity. Equating tp−acc
and tpp gives (Murase et al. 2011)
EMp ≈ 1.1× 107 GeV ε1/2B,−2D−1/2∗ R16(Vs/5000 km s−1)
3
.
(30)
Before CRs propagate in a galaxy, they need to
escape from the system without significant losses (e.g.,
Caprioli et al. 2009; Ohira et al. 2010; Drury 2011). While
the ejecta interacts with a CSM, CR escape may be limited
by the free escape boundary lesc, which could be determined,
e.g., by magnetic field amplification processes or wave damp-
ing via ion-neutral collisions (Kulsrud & Cesarsky 1971). By
comparing the diffusion length (1/3)(crL/Vs) (in the Bohm
limit) to lesc, we obtain
Emaxp ≈ 3.0×107 GeV ε1/2B,−2D1/2∗ (lesc/R)(Vs/5000 km s−1)
2
,
(31)
where Emaxp is the maximum energy of escaping protons.
If EMp is too low for CRs to escape within tdyn, CRs are
confined and their escape is non-trivial. If magnetic fields
rapidly decay after the shock crossing time (as often sup-
posed in gamma-ray bursts), the condition can be tesc ∼
tdyn < tcool, otherwise it depends on diffusion and adiabatic
losses. As a reasonable condition for CRs not to be depleted,
we here assume lesc ∼ R and τpp < 1.
In Figures 4 and 5, we show the parameter range allow-
ing Emaxp = 10
15.5 eV protons. Parameter space allowing for
higher Emaxp is narrower. If an ejecta-CSM interaction occurs
at τpp ∼> 1, CRs are largely depleted. We need Mcs ∼> Mej
to expect Ed ∼ Eej, and R ∼> 10
16 cm is typically favored for
escaping CRs to avoid significant pp cooling.
Higher-energy protons can generate pairs via the BH
process, which occurs at Ephν > mpmec
4, i.e., Ep > 4.8 ×
105 GeV (hν/1 eV)−1. Sufficiently high-energy protons may
dominantly lose their energies via the BH process, especially
in the optically-thick regime. For τT ∼> 1, the number density
of thermalized photons is nph ∼ τTLph/(4πR2ckTph), where
Lph is the luminosity of thermalized (re-processed) photons
and ǫph is their energy fraction. Assuming Lph = ǫphLkin,
the BH cooling time tp−BH ≈ 1/(κBHσBHnphc) becomes
tp−BH ≃ 3.4 × 107 s ǫ−1ph µeD−2∗
× R316(Vs/5000 km s−1)−3(kTph/1 eV), (32)
where κBHσBH ≈ 7.6 × 10−31 cm2 is used at hν¯ ∼ 20mec2
in the proton rest frame (Chodorowski et al. 1992). This is
typically longer than the pp cooling time, so we may mainly
consider the pp reaction. As indicated in Figures 4 and 5,
on the other hand, the optically-thin regime of τT < 1 is
more likely in cases where protons with Ep ∼ 106.5 GeV
survive. X-ray photons interact with TeV protons and the
number density of optically-thin bremsstrahlung photons is
nX ∼ Lff/(4πR2ckTe), so we have
tp−BH ∼ 1.2 × 1015 s µ2e g¯−1ff D−2∗,−1
× R316(Vs/5000 km s−1)−1(kTe/50 keV), (33)
which is negligible compared to tpp. In addition, pho-
tomeson production may also occur at Ep > 6.5 ×
107 GeV (hν/1 eV)−1. Although it seems that the proton
energy has to be quite high, some interactions with X-ray
photons are possible in the attenuation scale of X rays.
Finally, we briefly discuss a possible contribution of
interaction-powered SNe to the observed Galactic CRs.
Contributions from various types of SNe including “hyper-
novae” 8 have been considered (e.g., Sveshnikova 2003). It
is still under debade which astrophysical accelerator is re-
sponsible for CRs around the knee, although normal SNe
have been commonly believed as a leading candidate. An
issue is how CR protons are accelerated up to the knee,
and interaction-powered SNe could have some advantages
because of higher densities and possible stronger fields. The
observed CR energy flux at E2 = 10
6.5 GeV is smaller than
that at E1 = 1 GeV by ∼ 2.8 × 10−5. The contribution of
interaction-powered SNe at E2 compared to the contribution
of normal SNe at E1 is (e.g., Budnik et al. 2008)
E22ΦCR
E21ΦCR
≈ ρipsn
ρsn
tconf(E2)
tconf(E1)
E ipsnCRp
E snCRp
Rp(E1)
Rp(E2) , (34)
where Rp is the conversion factor from the total en-
8 Hypernovae are often defined as SNe with Eej > 10
52 erg, which
are usually broadline Type Ibc SNe. Note that only a fraction of
them are trans-relativistic SNe that show a mildly relativistic
component.
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Figure 4. The parameter range allowing Emaxp = 10
15.5 eV
protons in the (R, D) plane. CR acceleration is possible at
τT ∼< c/Vs and tacc < tpp and tacc < tdyn are required to achieve
EMp = 10
15.5 eV in the acceleration region. The shaded region
suggests the range where we do not expect either production or
escape of 1015.5 eV protons.
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Figure 5. The same as Figure 4, but for the (R, Mcs) plane,
where Mcs has the solar-mass unit.
ergy to the energy spectrum (see Appendix A), ρipsn
is the rate of interaction-powered SNe, ρsn is the SN
rate, and tconf is the confinement time of Galactic CRs.
Although the confinement time is highly uncertain, if
tconf(E1)/tconf(E2) ∼ (106.5 GeV/1 GeV)1/2 ∼ 1800 and
E ipsnCRp ∼ E snCRp, interaction-powered SNe could contribute
to the observed CR flux around the knee if the rate of
interaction-powered SNe is as high as ρipsn ∼ 0.05ρsn.
3 HIGH-ENERGY NEUTRINO AND
GAMMA-RAY DIAGNOSTICS
By taking into account the inelasticity κpp ≈ 0.5, we obtain
the effective pp optical depth as
fpp ≈ κppτpp ≃ 2.7 D∗R−116 (Vs/5000 km s−1)−1, (35)
which gives the meson production efficiency. Using fpp, the
neutrino energy fluence (per flavor) is estimated to be
E2νφ
ν ≈ 1
4πd2
1
6
min[1, fpp]E
2
p
dNp
dEp
≃ 1.4× 10−4 erg cm−2 min[1, fpp]
(
Eν
0.05mpc2
)2−qp
× ǫp,−1E51(d/10 Mpc)−2R−1p0,1, (36)
where qp is the power-law index of the proton spectrum
and Rp0 is Rp ≡ ǫpE/(E2pdNp/dEp) at mpc2 (see Appendix
A). When the CSM mass is sufficiently large, assuming
fpp < 1 at the collision, we expect the typical energy flu-
ence of E2νφ
ν ∝ D∗R−1decVs−1 due to Ed ≈ Eej. On the other
hand, when the CSM mass is not large enough, assuming
fpp < 1 at the collision, the typical energy fluence is ex-
pected to be E2νφ
ν ∝ D2∗Vs−1 due to Ed ≈ (Mcs/Mej)Eej.
The typical neutrino energy is Eν ∼ 0.05Ep, so we ex-
pect GeV-PeV neutrino emission given that EMp reaches
∼ 10 − 30 PeV. The IceCube effective area for muon neu-
trinos is order of 106 cm2 in the 100 TeV range while
3× 103 cm2 in the 1 TeV range, implying the fluence sensi-
tivity of ∼ 10−4 erg cm−2 (Ahrens et al. 2004). Hence, high-
energy neutrinos are detectable by IceCube for nearby SNe
that occur at d ∼< 10−20 Mpc, and stacking analyses for ag-
gregated signals from a number of interaction-powered SNe
will also be useful (Murase et al. 2011). In Appendix A, we
provide recipes that connect the observed optical emission
to the neutrino signal.
The pionic gamma-ray energy fluence is 2 times larger
than the neutrino fluence per flavor (after neutrino mixing),
so we expect
E2γφ
γ ≈ 1
4πd2
1
3
min[1, fpp]E
2
p
dNp
dEp
≃ 2.8 × 10−4 erg cm−2 min[1, fpp]
(
Eγ
0.1mpc2
)2−qp
× ǫp,−1E51(d/10 Mpc)−2R−1p0,1, (37)
or using E2pdNp/(dEpdt) ∼ ǫpLkin/Rp, the typical gamma-
ray energy flux is
νFν ≈ 1
4πd2
1
3
min[1, fpp]E
2
p
dNp
dEpdt
∼ 1.1× 10−11 erg cm−2 s−1 min[1, fpp]
×
(
Eγ
0.1mpc2
)2−qp
ǫp,−1D∗
× (Vs/5000 km s−1)3(d/10 Mpc)−2R−1p0,1. (38)
The Fermi 1 yr sensitivity at GeV energies is ∼ 3 ×
10−12 erg cm−2 s−1 (Funk & Hinton 2013), so interaction-
powered SNe may be detectable with Fermi for power-
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ful explosions at d ∼< 20 − 30 Mpc (Murase et al. 2011).
Stacking analyses are useful for GeV gamma rays as
well as neutrinos (see Appendix A). In addition, fu-
ture ground Cherenkov detectors will be more sensitive.
For example, the CTA 100 hr sensitivity at TeV is
∼ 10−13 erg cm−2 s−1 (CTA Consortium 2011), whereas
the HAWC 3 yr sensitivity at 2 TeV is ∼ 3 ×
10−12 erg cm−2 s−1 (Abeysekara et al. 2013). If the CR
spectrum is as hard as qp ∼ 2, we expect that detections
are possible up to d ∼< 100− 200 Mpc via followup observa-
tions by CTA within days-to-years.
For extragalactic gamma rays, one has to keep in mind
attenuation processes. There are two effects: attenuation
by the extragalactic background light (EBL) and attenu-
ation by target photons in the source. The attenuation by
EBL is relevant above ∼ 10− 100 TeV (Murase et al. 2011;
Kashiyama et al. 2013), so we can neglect it to discuss the
detestability in the GeV-TeV range. The attenuation in the
source can be relevant especially for emission from the re-
verse shock, but we show below that gamma rays from the
shocked CSM can typically escape from the source after the
shock breakout, τT ∼< c/Vs.
3.1 Bethe-Heitler pair-creation process
Gamma rays around MeV energies are downgraded via
Compton scattering with electrons in the matter. The
BH pair-creation process occurs at Eγ > 2mec
2 and be-
comes dominant over the Compton scattering above the
GeV range, where the Compton scattering is reduced by
the Klein-Nishina suppression. At sufficiently high ener-
gies, the approximate cross section of the BH process
is (Chodorowski et al. 1992)
σBH ≈ 3α
8π
σT
[
28
9
ln
(
2Eγ
mec2
)
− 218
27
]
. (39)
Then, the BH opacity for gamma rays is expressed as
τBH ≈ σBHneR = σBH
σT
τT ≃ 0.03 D∗µ−1e R−116 , (40)
where σBH is evaluated at Eγ = 1 GeV. The parameter
space such that τBH < 1 is shown in Figures 2 and 3. Inter-
estingly, it is comparable to the parameter space such that
τT < c/Vs for typical shock velocities, since gamma-ray at-
tenuation due to the BH process is irrelevant when Vs is
higher than cσBH/σT ∼ 4500 km s−1.
Note that the BH opacity may be even smaller. Several
observations have suggested that CSM is clumpy rather than
uniform. The BH opacity becomes irrelevant when the CSM
is anisotropic or so clumpy that most of the CSM mass is
concentrated in dense clumps. For example, if the density
enhancement in the clumps is δ̺/̺ ∼ 100, the BH opacity is
changed by fclu = (δ̺/̺)
−2/3 ∼ 0.05, where the attenuation
by the BH process becomes even less relevant.
3.2 Two-photon annihilation process
Gamma rays interact with photons via γ + γ → e+ + e−.
The interaction typically happens at Eγhν ≈ m2ec4, and the
γγ opacity for sufficiently high-energy gamma rays is
τγγ ≈ 3
16
σT (νnν)R, (41)
where νnν is the photon number density at ν.
When the collision with CSM occurs at τT ∼> a few,
most of the emissions are thermalized. Using νnν ∼ nph ∼
LphτT /(4πR
2ckTph), we obtain
τγγ ≃ 1.6×103 ǫphµ−1e D2∗R−216 (Vs/5000 km s−1)3(kTph/1 eV)−1
(42)
at Eγ ≈ 260 GeV (kTph/1 eV)−1. Above this energy, inter-
actions mainly happen in the Klein-Nishina regime, so the
γγ opacity decreases as ∝ ln[0.47EγkTγ/(m2ec4)]E−1γ .
Hard X rays, which can be produced by bremsstrahlung
emission in the downstream, could potentially prohibit
lower-energy gamma rays from leaving the emission region
because the pair-creation threshold energy is lower for tar-
get photons with higher energies. Using Eγhν ≈ m2ec4 and
hν ∼ kTe, the typical energy of gamma rays interacting with
X-ray photons is estimated to be
Eγ ∼ 5.2 MeV (kTe/50 keV)−1. (43)
As explained below we expect that GeV gamma rays
can leave the system without significant attenuation. First,
we consider an optically-thin collision at τT ∼< 1 with
Lrad ≈ Lff . The black-body approximation is invalid, and
hard X-ray emission becomes largely visible. The number
density of optically-thin bremsstrahlung photons is nX ∼
Lff/(4πR
2ckTe), so we obtain
τγγ ∼ 4.5× 10−4 µ−2e g¯ff
× D2∗,−1R−216 (Vs/5000 km s−1)(kTe/50 keV)−1, (44)
so gamma rays will be able to leave the emission region for
ejecta-CSM interactions at τT ∼< 1.
The radiation luminosity may be limited by the kinetic
luminosity, and interactions with X rays can be relevant in
the length scale of ∼ (neσT )−1 even in the optically-thick
regime of 1 ∼< τT ∼< c/Vs. Then, we may roughly expect
τγγ ∼ 0.016 ǫγD∗R−116 (Vs/5000 km s−1)3(kTe/50 keV)−1,
(45)
and τγγ ∼ 0.49 ǫγµe(Vs/5000 km s−1)2(kTe/50 keV)−1 at
Rbo. Therefore, given ǫγ < 1, GeV gamma rays would be
able to escape from the system. Note that the BH attenua-
tion is also avoidable for sufficiently high shock velocities.
4 HIGH-FREQUENCY RADIO DIAGNOSTICS
Electrons and positrons (for which we simply say electrons)
can generate synchrotron emission. The synchrotron cooling
time of relativistic electrons is
te−syn ≈ 6πmec
σTB2γe
(46)
≃ 4.9× 106 s γ−1e,2ε−1B,−2
× D−1∗,−1(Vs/5000 km s−1)−2R216.
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On the other hand, the IC cooling timescale is
te−IC =
6mec
σTB2γeYIC
, (47)
where YIC = YSSC + YEIC is the Compton Y parameter,
YSSC is the synchrotron self-Compton (SSC) Y parameter,
and YEIC is the external inverse-Compton (EIC) Y parame-
ter. The IC emission is bolometrically more important than
the synchrotron emission if YIC > 1. We expect that the
SSC emission is typically weak. This is because the SSC Y
parameter in the Thomson regime (e.g., Sari & Esin 2001),
YSSC ∼ −1 +
√
1 + 4η(ǫl/ǫB)(Vs/c)
2
∼ η(ǫl/ǫB)(Vs/c),
(48)
is less than unity. Here, η = min[1, (γc/γi)
2−q ] and ǫl = ǫe
(or ǫ±), where γi = γl (or γh) is the injection Lorentz factor
and γc is the cooling Lorentz factor defined below. External
radiation fields are mainly supplied by SN emission, which
is more relevant in our cases. If the system is optically thin,
the energy density of thermal photons is
Urad ≈ Lrad
4πR2c
≃ 0.027 erg cm−3 Lrad,42 R−216 , (49)
whereas the magnetic field energy density is
UB =
B2
8π
≃ 0.064 erg cm−3 εB,−2
× D∗,−1R−216 (Vs/5000 km s−1)2. (50)
Because of UB > Urad, we see that the synchrotron cooling
would be typically stronger than the EIC cooling, although
the situation can be altered depending on parameters such
as εB. As a result, non-thermal X rays can be expected
mainly due to EIC emission. But they will be weaker than
thermal X rays (except at hard X rays), and this work fo-
cuses on radio signals.
In the dense CSM environment, one also has to care
about other losses such as bremsstrahlung and Coulomb
losses. The relativistic bremsstrahlung cooling time scale
is (Shlickeiser 2002)
te−ff ≈ π
3ασT cncs(ln γe + ln 2− 1/3)
≃ 5.2× 107 s D−1∗,−1R216(ln γe,2)−1, (51)
which is longer than tdyn, te−syn and te−IC for our typical
parameters. The Coulomb loss time scale of relativistic elec-
trons is (Shlickeiser 2002)
te−C ≈ γe
0.75cσT ne(60 + ln[γe,2/ne,8])
≃ 2.2 × 108 s γe,2µeD−1∗,−1R216, (52)
which suggests that sufficiently high-energy electrons typi-
cally cool via the synchrotron emission. At lower energies,
however, the Coulomb loss can be the shortest time scale,
and the resulting synchrotron spectrum becomes compli-
cated.
The cooling Lorentz factor is given by equating t−1dyn =
t−1e−syn + t
−1
e−IC as
γc ≈ 25 ε−1B,−2D−1∗,−1R16(Vs/5000 km s−1)
−1
(1 + YIC)
−1.
(53)
If γc < γi, the system is in the fast cooling regime, so the
energy flux has a peak at νi ≈ γ2i eB/(mec). If γi < γc, the
system is in the slow cooling regime, so the energy flux has
a peak at νc ≈ γ2c eB/(mec).
Primary protons with γp > 1.37 lead to inelastic pp
reactions, providing secondary electrons. The characteristic
frequency of electrons with γh is
νh ∼ 1.0×1011 Hz ε1/2B,−2D1/2∗,−1R−116 (Vs/5000 km s−1). (54)
For our typical parameters, D∗ ∼ 0.01 − 1 and R ∼
1015 − 1017 cm, we expect νh ∼ 3 − 3000 GHz. We here
point that these secondary electrons can be more relevant
in the interaction-powered SN scenario. Very naively, the
secondary electronic emission dominates over the primary
electronic emission when
ǫ± ≈ 1
6
min[1, fpp]ǫp > ǫe, (55)
which is likely to be realized if fpp is as high as ∼ 0.1 − 1.
One should keep in mind that this is the crude argument
applied to the bolometric emission, and the relative impor-
tance changes with frequency, depending on spectral en-
ergy distributions of CR protons and electrons. Assuming
the fast cooling regime, the resulting synchrotron flux from
hadronically-injected electrons (at ν > νh) is
νF hν ≈ 14πd2
1
12
min[1, fpp]E
2
p
dNp
dEpdt
∼ 2.7× 10−14 erg cm−2 s−1
× min[10, fpp,−1]
(
ν
νh
)2−qp
ǫp,−1
× D∗,−1(Vs/5000 km s−1)3R−1p0,1(d/10 Mpc)−2,(56)
which corresponds to F hν ∼ 0.03 Jy (d/10 Mpc)−2 ν−111 for
qp ∼ 2. Hence, the synchrotron signal is detectable with
high-frequency radio telescopes when several absorption pro-
cesses we discuss below are irrelevant. In particular, the
ALMA sensitivity at 100 GHz is ∼ 6× 10−18 erg cm−2 s−1,
allowing detections up to d ∼ 0.3− 1 Gpc if followup obser-
vations are successful.
Primary electrons can also emit synchrotron photons,
and the corresponding characteristic frequency of electrons
with γl is
νl ≈ 5.8× 108 Hz ǫ2e,−3f−2e,−5(gqe/0.2)2ε1/2B,−2
× D1/2∗,−1R−116 (Vs/5000 km s−1)
5
. (57)
It suggests that studying radio SNe at relatively low frequen-
cies can probe electron acceleration in the shock transition
layer, whereas investigations at high frequencies allow us to
see the conventional shock acceleration of electrons and/or
hadronic injections. The synchrotron energy flux (at ν > νl)
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in the fast cooling case is
νF lν ≈ 14πd2
1
2
E2e
dNe
dEedt
∼ 1.6× 10−15 erg cm−2 s−1
(
ν
νl
)2−qe
ǫe,−3
× D∗,−1(Vs/5000 km s−1)3R−1e0,1(d/10 Mpc)−2,(58)
where qe is the electron spectral index and we expect
F lν ∼ 0.002 Jy (d/10 Mpc)−2 ν−111 for qe ∼ 2. Note
that qe may naturally be different from values expected
in the conventional diffuse shock acceleration theory at
∼< 2.1 × 10
10 Hz ε
1/2
B,−2D
1/2
∗,−1R
−1
16 (Vs/5000 km s
−1)
3
, corre-
sponding to electrons with γe ∼< (mp/me)(Vs/c), and steep
indices of qe ∼ 3 are indeed indicated in non-relativistic ra-
dio SNe. The synchrotron signal from primary electrons is
also detectable by current radio telescopes and mm/submm
facilities including ALMA if secondary electrons are sub-
dominant. For a given ν, the secondary electronic emission
dominates over the primary electronic emission when
min[10, fpp,−1]
ǫp,−1
ǫe,−3
(
νl
νh
)2−q
∼> 0.06, (59)
where the fast cooling regime is assumed for qp = qe = q.
Hence, we expect that secondaries are typically more im-
portant for high-frequency radio emission from interaction-
powered SNe.
However, detecting radio signals may suffer from scat-
tering and various absorption processes. First, if τT ∼> a few,
the synchrotron emission can be modified by Comptoniza-
tion due to thermal electrons. In particular, thermal elec-
trons in the hot downstream may up-scatter low-energy
photons. The condition that the Comptonization does not
change the synchrotron spectrum is roughly given by yNR ≈
(4kTe/mec
2)max[τT , τ
2
T ] ∼< 1, so we focus on ejecta-CSM col-
lisions satisfying D∗,−1 ∼< 19T
−1/2
e,8 µeR16. In addition, there
are three important absorption processes that can hinder
observations at the radio band, Razin-Tsytovich (RT) sup-
pression, synchrotron self-absorption (SSA) and free-free ab-
sorption. We discuss these suppression and absorption pro-
cesses below.
4.1 Razin-Tsytovich suppression
Synchrotron emission in a plasma is different from that in a
vacuum. When a cold plasma plays a role9, it is suppressed
at low frequencies due to collective effects. The suppression
occurs at the RT frequency (Rybicki & Lightman 1986),
νRT ≡ 2ecne
B
≃ 8.6× 109 Hz ε−1/2B,−2µ−1e D1/2∗,−1
× (Vs/5000 km s−1)−1R−116 . (60)
9 This may not be true in a relativistic plasma.
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Figure 6. The parameter range allowing radio emission in the (R,
D) plane, at ν = 5 GHz, where Vs = 5000 km s−1, ǫB = 10
−2 and
f˜ = 10−2.5 and γi = γh are used. The suppression or absorption
of radio emission is insignificant at τsa < 1, ν > νRT, τff < 1 and
τuff < 1. The light shaded region indicates the forbidden region
for the radio emission in the pessimistic case, where the upstream
is assumed to be ionized with Tue = 10
5 K. The dark shaded area
indicates the forbidden region in the optimistic case, which may
be realized for different upstream properties. The downstream
temperature is set to kTe = 50 keV. From this figure, one sees that
radio emission from interaction-powered SNe satisfying τpp ∼ 1
is suppressed at this band.
-3
-2
-1
0
1
2
14 14.5 15 15.5 16 16.5 17 17.5 18
lo
g
(M
c
s
(<
R
))
log(R [cm])
5 GHz
τff=1
yNR=1
τpp=1
ν=νRT
τff
u=1
τsa=1
09ip
10jl
06gy
08iy
06jd
06jc
Figure 7. The same as Figure 6, but for the (R, Mcs) plane,
where Mcs has the solar-mass unit.
The line of ν = νRT is shown in Figures 6-11. Instead, given
a frequency, we can obtain the upper limit on D∗ as
D∗,−1 ∼< 1.3 × 10
3 µ2eεB,−2R
2
16(Vs/5000 km s
−1)
2
ν211. (61)
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Figure 8. The same as Figure 6, but at ν = 100 GHz. From
this figure, one sees that observations at 100 GHz are useful for
probing interaction-powered SNe satisfying τpp ∼ 1.
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Figure 9. The same as Figure 8, but for the (R, Mcs) plane,
where Mcs has the solar-mass unit.
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Figure 10. The same as Figure 6, but at ν = 1000 GHz.
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Figure 11. The same as Figure 10, but for the (R, Mcs) plane,
where Mcs has the solar-mass unit.
4.2 Synchrotron self-absorption
The SSA opacity is estimated to be (see Appendix B)
τsa(ν) ≈ τsa0
{
(ν/νn)
− 5
3 , (ν < νn)
(ν/νn)
−
p+4
2 (νn 6 ν)
(62)
where p is the spectral index of electrons (that is generally
different from q for injected particles), νn ≈ γ2neB/(mec),
and
τsa0 = ξp
enCRe
Bγ5n
R. (63)
Here, when the Coulomb cooling is irrelevant, γn =
min[γi, γc] and ξp is evaluated as a function of p, which is
order of ∼ 5−10 (see Appendix B). When only synchrotron
and IC (in the Thomson regime) losses are relevant, we have
p = 2 at γc < γe < γi in the fast cooling case or p = q when
γi < γe < γc (i.e., the slow cooling case). Here, nCRe is
related to the number of electrons swept by the shock as
NCRe = 4πR
3nCRe ≡ f˜ E
mpc2
, (64)
where f˜ is the number fraction of electrons defined against
E/(mpc2). Note that, for primary electron acceleration, the
different parameter fe satisfies
NCRe = fe
4πDR
mH
. (65)
Assuming a power-law injection spectrum, we have
f˜e =
ǫe
γl ln(γMe /γl)
mp
me
, (66)
for q = 2 and
f˜e =
ǫe(q − 2)
γl(q − 1)
mp
me
, (67)
for q > 2, and we typically expect f˜e ∼ 3 × 10−3ǫe,−3. For
secondary electrons, we have
f˜± =
min[1, fpp]ǫp
6γh ln(γMp )
mp
me
, (68)
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for q = 2 and
f˜± =
min[1, fpp]ǫp(q − 2)
6γh(q − 1)
mp
me
, (69)
for q > 2. The proton spectrum is assumed to be a
power law above mpc
2, where we typically obtain f˜± ∼
3× 10−3ǫp,−1min[10, fpp,−1]. Introducing f˜ allows us to dis-
cuss primary and secondary electrons in parallel.
Setting τsa = 1, the SSA frequency is estimated to be
νsa ∼ 9.0 × 109 Hz f˜1/3−2.5ε1/3B,−2D2/3∗,−1
× R−116 (Vs/5000 km s−1)4/3γ1/3n,1.5, (70)
for p = 2 (leading to ξp ≃ 8.773), and
νsa ∼ 1.1 × 1010 Hz f˜2/7−2.5ε5/14B,−2D9/14∗,−1
× R−116 (Vs/5000 km s−1)9/7γ4/7n,1.5, (71)
for p = 3 (leading to ξp ≃ 26.31). Instead, given a frequency,
we can obtain the upper limit on D∗ as
D∗,−1 ∼< 37 f˜
−1/2
−2.5 ε
−1/2
B,−2R
3/2
16
× (Vs/5000 km s−1)−2γ−1/2n,1.5 ν3/211 , (72)
for p = 2, and
D∗,−1 ∼< 32 f˜
−4/9
−2.5 ε
−5/9
B,−2R
14/9
16
× (Vs/5000 km s−1)−2γ−8/9n,1.5 ν14/911 , (73)
for p = 3. Note that we should use γn = γc ∝ D−1R and
p = 2 for the fast cooling case. Results for q = 2 and q = 3
are shown in Figures 6-11. In this work, we assume the case
of νsa < νb = max[νc, νi], although SSA heating is relevant
when νsa > νb = max[νc, νi] (Murase et al. 2014).
4.3 Free-free absorption
The free-free absorption is important especially when pho-
tons propagate in the ionized plasma. For simplicity,
here we assume that ions are protons. In the hot down-
stream, the free-free opacity for photons with hν < kTe
is (Rybicki & Lightman 1986)
τff(ν) ≈ σαffR
≃ 6.4× 10−5 g¯ffT−3/2e,8 µ−1e D2∗,−1R−316 ν−211 , (74)
where αff is the free-free absorption coefficient and g¯ff is
the Gaunt factor. High temperatures of Te ∼ 108 K are
expected in the immediate downstream, while the tempera-
ture is lower at the far downstream due to bremsstrahlung
cooling especially if the shock is radiative. The free-free ab-
sorption frequency is given by τff = 1, and we have
νff ≃ 8.0× 108 Hz g¯1/2ff T−3/4e,8 µ−1/2e D∗,−1R−3/216 . (75)
Instead, given a frequency, we can obtain the upper limit on
D∗ as
D∗,−1 ∼< 130 g¯
1/2
ff T
3/4
e,8 µ
1/2
e R
3/2
16 ν11. (76)
If the free-free absorption in the emission region is dominant,
we expect the suppression factor of 1/τff ∝ ν2 at ν < νff .
However, one typically expects that upstream material
would be more crucial for absorbing low-frequency emis-
sion (but see Chandra et al. 2012a). The upstream temper-
ature is lower than the immediate downstream temperature,
so the free-free optical depth can be much larger. Before the
shock reaches Rw, assuming ionized material, the free-free
optical depth in the upstream is
τuff (ν) ≈ αffR
≃ 5.0× 10−1 g¯ff(T ue,5)−3/2µ−1e D2∗,−1R−316 ν−211 , (77)
The free-free absorption frequency is given by τuff = 1, and
we have
νff ≃ 7.1 × 1010 Hz g¯1/2ff (T ue,5)−3/4µ−1/2e D∗,−1R−3/216 . (78)
Instead, given a frequency, we can obtain the upper limit on
D∗ as
D∗,−1 ∼< 1.4 g¯
1/2
ff (T
u
e,5)
3/4µ1/2e R
3/2
16 ν11. (79)
Note that, if the free-free absorption in the screen region
is dominant, we expect the suppression of exp(−τuff ), which
can be in principle distinguished from the other possibil-
ities. As shown in Figures 8 and 9, at ∼ 100 GHz, the
free-free absorption is typically the most important at-
tenuation process in SNe with dense CSM. Even at ∼
5 GHz, it is the dominant attenuation process for ejecta-
CSM interactions at ∼> 10
16 cm. This process is sensi-
tive to the electron temperature, and T ue = 10
5 K is
used in Figures 6-11. The temperature may indeed be high
enough, as suggested by successful radio detections of SN
2006jd (Chandra et al. 2012a). In Figure 7, SN 2006jd 10
lies near the lines of τuff = 1 and τsa = 1. On the other hand,
non-detections of radio emission from many other Type IIn
SNe like SN 2010jl seem consistent with the large absorp-
tion that is easily realized with more conservative values of
T ue ∼ 104 K (Chandra et al. 2012b; Ofek et al. 2014).
At ∼ 5 GHz, as shown in Figures 6 and 7, the free-free
absorption and SSA processes suppress radio signals, and
the parameter space around τpp ∼ 1 is located in the dark
shaded area. So it is difficult to see hadronic signatures with
synchrotron emission at radio wavelengths. But the situation
drastically changes at higher frequencies. At ∼ 100 GHz,
the free-free absorption is still an obstacle for ejecta-CSM
interactions at ∼< 10
16 cm, but not for ∼> 10
16 cm. Impor-
tantly, as shown in Figures 8 and 9, a large parameter space
of τpp ∼ 1 is free of absorption and scattering processes.
So observations at high-frequency radio wavelengths includ-
ing mm/submm and FIR bands are indeed powerful to test
the hadronic model and probe cosmic-ray proton accelera-
tion. At higher frequencies such as 1000 GHz, all the ab-
sorption processes discussed here are negligible compared
to the Comptonization due to thermal electrons. Not all
interaction-powered SNe allow us to expect high-frequency
radio signals from secondaries. As pointed out by Murase et
10 While SN 2006jd lies around the light shaded area in Figure
7, the observed radio spectrum may not be consistent with the
free-free absorption in the screen zone (Chandra et al. 2012a).
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al. (2011), except at sufficiently late phases, optically-bright
SLSNe are difficult to detect with synchrotron emission at
radio bands. On the other hand, as shown in Figures 9 and
11, some Type IIn SNe such as SN 2006jd and 2008iy seem
very promising.
There are some possibilities that we have effec-
tively lower values of τuff . First, the CSM may be
anisotropic or clumpy as suggested in several Type IIn
SNe like SN 2005ip (Smith et al. 2009) and 2009ip (e.g.,
Margutti et al. 2014), where the emission more easily escape
from partial regions where the CSM density is much lower.
Secondly, τuff is smaller when the CSM is little ionized, which
may be realized especially in the far upstream. This is differ-
ent from soft X rays that are more strongly absorbed in the
non-ionized CSM. Such more transparent cases correspond
to the light shaded area in Figures 6-11.
Note that the free-free optical depth declines after the
shock reaches the outer edge of CSM, Rw. After R ∼> Rw, it
becomes
τuff (ν) =
∫
Rw
dr αff
≃ 5.0 × 10−2
(
10
2s′ − 1
)
g¯ff(T
u
e,5)
−3/2µ−1e D
2
∗,−1
× R−3w,16(Rw/R)2s
′−1ν−211 , (80)
where ̺cs ∝ R−s′ (at R > Rw) is assumed. For example, a
possible value of s′ ∼ 5− 6 is suggested in the late phase of
the re-brightening of SN 2009ip (Margutti et al. 2014).
5 SUMMARY
In this work, we provide a broad discussion of multi-
messenger diagnoses of interaction-powered SNe including
Type IIn SNe and some SLSNe, focusing on non-thermal sig-
nals. The shock would be radiation-mediated at very early
times, and thus CR acceleration is inefficient. However, as
photons escape the system, a collisionless shock can form
and CR acceleration becomes possible. While shock heating
leads to X rays, CRs are expected to produce broadband
non-thermal emission, including gamma rays, X rays, radio
waves and neutrinos.
Photon emission in general may be largely thermalized
depending the optical depth, which in turn depends on de-
tails of the CSM. Neutrinos are the most direct probe in the
sense that they do not suffer from attenuation in the source.
In addition, by advancing the idea proposed by Murase et
al. (2011), we have shown that GeV gamma rays can typi-
cally escape after the shock breakout, although TeV gamma
rays are attenuated due to the two-photon annihilation pro-
cess 11. Along with neutrinos, GeV gamma rays can provide
unique opportunities to probe the formation of collision-
less shocks and the onset of CR acceleration. Interestingly,
11 Note that Model A in Murase et al. (2011) considered a dif-
ferent situation before breakout of the forward shock emission.
the physical parameters suggested by observed interaction-
powered SNe imply densities similar to those inferred from
gamma-ray novae (Abdo et al. 2010), allowing us to expect
analogous high-energy emission and to probe the physics of
CR acceleration in the dense environment. Detecting signals
from one SN requires a nearby event, but stacking analyses
are still useful. Gamma rays and neutrinos are especially
powerful for optically-bright SLSNe, for which the recipes
provided in Appendix A can be used.
For normal luminosity interaction-powered SNe, broad-
band non-thermal emissions from radio to TeV gamma-ray
bands are possible. In particular, high-frequency radio ob-
servations in the mm/submm and FIR bands can probe CR
proton acceleration and test the hadronic model. We pointed
out that secondary electrons produced via pp reactions play
an important pole role in the synchrotron emission from
some interaction-powered SNe such as SN 2006jd. Compre-
hensive observations from GHz to 1000 GHz may also be
relevant to study acceleration of primary electrons that may
not be accelerated by the conventional shock acceleration.
Our work demonstrates the importance of multi-messenger
approaches in revealing the mechanism of Type IIn SNe and
CR acceleration in real time.
The interaction-powered SN scenario has been com-
monly used to interpret SLSNe, but SLSNe are diverse and
other scenarios also possible. For example, some SLSNe such
as SN 2007bi may be rather pair-instability SNe originating
from progenitors with M∗ ∼> 130M⊙, where the stellar
collapse is caused by the pressure decrease due to electron-
positron pair-production (Gal-Yam & Leonard 2009;
Gal-Yam et al. 2009). Or luminous SNe including SLSNe
Ic (e.g., Chornock et al. 2013) may be driven by newborn
pulsars (e.g., Kasen & Bildsten 2010; Metzger et al. 2011;
Woosley 2010). Some SLSNe seem difficult to explain
using these scenarios (Gal-Yam 2012; Inserra et al. 2013).
High-energy emissions including gamma rays and neutrinos
have been predicted in both the interaction-powered SN sce-
nario (Murase et al. 2011; Katz et al. 2011) and the pulsar-
driven SN scenario (Murase et al. 2009; Kotera et al. 2013).
Detecting thermal and non-thermal signals from shocks in
the dense CSM and studying time-dependent spectra are
crucial in order to discriminate among the scenarios.
The most important point of this work is that secondary
electrons and positrons from inelastic pp collisions will ra-
diate detectable synchrotron photons efficiently at high-
frequency radio wavelengths including the mm/submm and
FIR bands. Although details depend on the mass of CSM,
its physical location relative to the progenitor star at the
time of explosion, and the velocity of the ejecta, for typical
parameters, we expect the synchrotron spectrum to peak at
∼ 3−3000 GHz and with flux of ∼ 0.01−0.1 mJy for 2006jd-
like interaction-powered SNe at distances of hundreds of
Mpc. In particular, high-frequency radio signals using in-
struments like the high-frequency channels of the VLA and
ALMA can be very powerful to probe physics of collisionless
shocks. For this reason, we encourage followup observations
especially at the mm/submm band within months-to-years
and at the GeV-TeV gamma-ray band within days-to-years.
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APPENDIX A: RECIPES FOR TESTING
BREAKOUT HIGH-ENERGY EMISSION IN
THE INTERACTION-POWERED SN
SCENARIO
Here, we provide recipes to test the hadronic model
for gamma-ray and neutrino emissions from interaction-
powered SNe. Basically, we need to know two quantities,
the CR energy ECRp and the pp efficiency fpp. The latter
depends on ncs, R and Vs, which can be determined from
the breakout emission.
The more sophisticated approach is possible
based on self-similar solutions in the engine-driven
case (Chevalier 1982a). We here overview the prescription
by Chevalier & Irwin (2011). Let us consider the ejecta
whose outer density profile is ̺ej = Ct
−3(R/t)−7 at
Vr > Vt = (2Eej/Mej)1/2. The shock is initially radiation-
mediated and the flows are radiation-dominated since
τT ≫ (c/Vs). The contact discontinuity is located at
Rcd = (0.227C/D)
1/5t4/5, where C = 4E2ej/(3πMej). The
forward shock radius is estimated to be
Rf = 1.208Rcd ≃ 0.85 × 1015 cm E2/5ej,51(Mej/100.5 M⊙)
−1/5
× D−1/5∗ (t/10 d)4/5 (A1)
and the forward shock velocity is Vf = (4/5)Rf/t ≃
7800 km s−1 E2/5ej,51(Mej/100.5 M⊙)−1/5D−1/5∗ (t/10 d)−1/5.
The energy carried by the interacting shell is estimated
to be E ≈ 4E2ej/(3MejV 20 ), where V0 ≈ Rr/t ≃
7900 km s−1 E2/5ej,51(Mej/100.5 M⊙)−1/5D−1/5∗ (t/10 d)−1/5.
For γˆ = 4/3, the radiation energy is Erad = 0.32E , so we
have
Erad ≃ 1.1×1050 erg E6/5ej,51(Mej/100.5 M⊙)
−3/5
D2/5∗ (t/10 d)
2/5.
(A2)
In the wind case, the photon diffusion timescale is compa-
rable to the breakout time, and we have
trise ≈ Rbo
Vf
≈ σT
µemH
D
c
≃ 7.7 d µ−1e D∗, (A3)
as long as the breakout happens at Rbo ≪ Rw. The break-
out radius can also be estimated from the evolution of the
radiation luminosity and temperature if the black-body ap-
proximation is valid, or if Vf is known.
As a result, if we can observe Erad, trise and Vf (or Rbo),
we can evaluate D, E2ej/Mej and µe as (Margutti et al. 2014)
D∗ ≃ 2.9 Erad,51(trise/10 d)2R−3bo,15, (A4)
E2ej,51/(Mej/100.5 M⊙) ≃ 17 Erad,51(trise/10 d)−2R2bo,15,
(A5)
µ−1e ≃ 0.45 E−1rad,51(trise/10 d)−1R3bo,15. (A6)
One should keep in mind that the engine-driven self-similar
solution is valid as long as Vr > Vt.
Then, we can estimate ncs, allowing us to calculate fpp
and resulting neutrino and gamma-ray spectra. There are
two important free parameters, the CR spectral index (qp)
and CR energy (ECRp). For qp = 2, the CR proton spectrum
is given by
E2p
dNp
dEp
≡ ECRpRp =
ECRp
ln(EMp /Emp )
(A7)
and Rp ∼ 15 for our typical parameters. For qp > 2, we have
E2p
dNp
dEp
≡ ECRpRp(Ep) = (qp − 2)
(
Ep
Emp
)2−qp
ECRp. (A8)
Here, Rp is the conversion factor from the total energy to
the differential energy spectrum and Emp ∼ mpc2 is the min-
imum proton energy. These equations can be rewritten as
E2p
dNp
dEp
≡ R−1p0
(
Ep
Emp
)2−qp
ECRp, (A9)
where Rp0 ≡ Rp(Emp ). The CR energy is parametrized as
ECRp = ǫpE = (ǫp/ǫγ)Erad, (A10)
where ǫp/ǫγ is the CR loading parameter that is com-
monly introduced in the literature of hadronic emissions
from gamma-ray bursts (Murase & Nagataki 2006). Since
both ǫp and ǫγ are order of 0.1, we expect ǫp/ǫγ ∼ 1 and
we can make predictions for breakout high-energy emis-
sions, based on observational quantities. Such an application
was done in Margutti et al. (2013). Note that high-energy
emissions continue after the breakout. Given sufficient time-
dependent data, later contributions can easily be taken into
account by more detailed modeling. For example, one can
directly use self-similar solutions for γˆ = 4/3 or γˆ = 5/3 at
τT ∼< c/Vs (Chevalier & Irwin 2011; Ofek et al. 2014). Most
naively, instead, the overall contribution can be incorporated
in the CR loading parameter.
APPENDIX B: FORMULAS OF
SYNCHROTRON SELF-ABSORPTION
Here we provide formulas to calculate SSA. For a
power-law electron distribution, the SSA coefficient
is (Rybicki & Lightman 1986)
αsa(ν) = N0
√
3e3
8πme
(
3e
2πm3ec5
)p/2
(B sin θB)
(p+2)/2
× Γ(p/4 + 11/6)Γ(p/4 + 1/6)ν−(p+4)/2, (B1)
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where θB is the angle between the electron velocity and mag-
netic field. The normalization is determined by∫
γn
dγe N0γ−pe = nCRe. (B2)
Assuming γb = max[γi, γc] ≫ γn = min[γi, γc], we have
N0 ≈ ξ˜pnCReγp−1n , where ξ˜p = p − 1 for p > 1 and ξ˜p =
ln(γb/γn) for p = 1. When only the synchrotron emission is
relevant, we have p = 2 at γc < γe < γi in the fast cooling
case or p = q at γi < γe < γc in the slow cooling case.
Averaged over θB, the SSA coefficient is written as
αsa(ν) = ξp
enCRe
Bγ5n
(ν/νn)
−(p+4)/2, (B3)
where
ξp = ξ˜p
π3/23(p+1)/2
4
Γ(p/4 + 11/6)Γ(p/4 + 1/6)
× Γ(p/4 + 3/2)
Γ(p/4 + 2)
. (B4)
For example, we obtain ξ2 ≃ 8.773 for p = 2 and ξ3 ≃ 26.31
for p = 3, respectively.
Note that the spectrum in the optically-thick limit is ob-
tained from Fν = π(j
syn
ν /αsa)(R
2/d2) ∝ ν5/2, where jsynν is
the synchrotron emissivity (Rybicki & Lightman 1986). The
coefficient agrees with Katz (2012). One should keep in mind
that the Fν ∝ ν5/2 is obtained only if νsa > νn, whereas we
expect Fν ∝ ν2 if νsa < νn.
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